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Announcements

- Reading Assignments:  Chapter 2 all.

- Problem Set 2 is due Wednesday, February 4th, 2015.

- Next lab is Monday, February 9th.  Be sure to report 
to FOSC 032 that day.

- Note:  Your textbook contains errors, including the 
alleged solutions to some problems.  I will point out 
corrections if/when I notice mistakes.  However, I 
will leave it to you to find mistakes in any “answers” 
to problems.  Use with caution. 
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Why can I see a faint star out of the corner of my eye, but not when I 
look straight on?

Your eye has two kinds of receptors:  rods and cones.  The rods 
are much more sensitive to light than the cones.  The cones are 
concentrated directly behind the lens, while the rods tend to 
occupy the periphery.
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Review Spherical Coordinates

The volume element is 

dV = r2 sin ✓drd✓d�

The surface element is 

The solid angle element is 

da = r2 sin ✓d✓d�

d⌦ = sin ✓d✓d�
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Small Angle Approximation
Arc Length:

Solid Angle:

s = r✓

d
d

A
A = d2⌦
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Which has the larger surface area, the sun or the moon?

The sun.

Which has the larger solid angle as viewed from Earth, the sun 
or the moon?

They are the same!

In class activity on solid angle.
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Stellar Temperatures and Stellar Types

Photosphere:

The outer most “surface” of a star.  Roughly 
this is the region from which photons can 
escape without further scattering.
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Figure 2.4 A photon inside a star is scattered many times until it reaches a radius from which
it can escape. The last scattering surface defines the base of the photosphere of
the star.

without further absorption or scattering (see Fig. 2.4). As we will see, the scattering
and absorption probabilities can have a strong dependence on the wavelength of the
photon, and therefore the depth of the base of the photosphere can be wavelength
dependent.
Material at the base of the photosphere emits approximately a Planck spectrum,

which is then somewhat modified by the cooler, partly transparent, gas above it.
By examining the emerging spectrum, one can then define various “temperatures”.
The color temperature is the temperature of the Planck function with shape most
closely matching the observed spectrum. For example, if we could identify the po-
sition of the peak of the spectrum, we could use Wien’s law to set the temperature.
In practice, the peak will often be outside the wavelength range for which we have
data, and furthermore it is a broad feature which is hard to identify, especially given
the modifications by cold absorbing gas above the last scattering surface.
A more practical variant is to measure the ratio of fluxes at two different wave-

lengths, fλ(λ1)/fλ(λ2), and to find the temperature of the blackbody that gives
such a ratio. Such a ratio is, in effect, what one always means by “color”. For
example, when we say that the light from an object (whether intrinsic or reflected)
appears, say, “red”, we mean that we are detecting a larger ratio of red photons
to blue photons than we would from an object that we would call “white”. Color
temperature can, of course, also be found by fitting the Planck spectrum to mea-
surements at more than two wavelengths. Note that a color temperature cannot be
found if all the measurements are well on the Rayleigh-Jeans (i.e., low energy) side
of the distribution. On that side the Planck spectrum has the same shape for all
temperatures (fλ ∝ λ−4 or fν ∝ ν2), and hence the ratio of fluxes at two wave-
lengths or frequencies will be the same, irrespective of temperature. In such a case
we can only deduce that all our measurements are on the Rayleigh-Jeans side of a
Planck spectrum, and we can set a lower limit on the temperature of the spectrum
(see Problem 2).
Another kind of temperature can be associated with the photosphere of a star, by

examining the absorption features at discrete wavelengths in the stellar spectrum.
These absorptions are induced by atoms and molecules in the cooler, less dense, gas
above the surface of last scattering. Photons with energies equal to those of individ-
ual quantum energy transitions of those atoms and molecules will be preferentially

photosphere

Notes:
• The temperature of a star varies with radius.
• The depth of the photosphere depends on the photon 

wavelength.  Does this make sense?
• The emitted spectrum of a star is largely determined by the 

temperature of the photosphere.
• The color temperature of a star is the temperature of the 

blackbody spectrum that best fits the observed stellar spectrum.
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How might we find the color temperature of a star?

1. Wein’s Law:  If we could identify the peak of the blackbody 
spectrum, we could use Wein’s law to calculate the 
temperature.  (This is often not possible as the peak is 
frequently outside the region for which we have data.)

2. Take the ratio of fluxes at two different wavelengths and find 
the temperature of the blackbody that gives that ratio.

This ratio is what astrophysicists mean by color.
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without further absorption or scattering (see Fig. 2.4). As we will see, the scattering
and absorption probabilities can have a strong dependence on the wavelength of the
photon, and therefore the depth of the base of the photosphere can be wavelength
dependent.
Material at the base of the photosphere emits approximately a Planck spectrum,

which is then somewhat modified by the cooler, partly transparent, gas above it.
By examining the emerging spectrum, one can then define various “temperatures”.
The color temperature is the temperature of the Planck function with shape most
closely matching the observed spectrum. For example, if we could identify the po-
sition of the peak of the spectrum, we could use Wien’s law to set the temperature.
In practice, the peak will often be outside the wavelength range for which we have
data, and furthermore it is a broad feature which is hard to identify, especially given
the modifications by cold absorbing gas above the last scattering surface.
A more practical variant is to measure the ratio of fluxes at two different wave-

lengths, fλ(λ1)/fλ(λ2), and to find the temperature of the blackbody that gives
such a ratio. Such a ratio is, in effect, what one always means by “color”. For
example, when we say that the light from an object (whether intrinsic or reflected)
appears, say, “red”, we mean that we are detecting a larger ratio of red photons
to blue photons than we would from an object that we would call “white”. Color
temperature can, of course, also be found by fitting the Planck spectrum to mea-
surements at more than two wavelengths. Note that a color temperature cannot be
found if all the measurements are well on the Rayleigh-Jeans (i.e., low energy) side
of the distribution. On that side the Planck spectrum has the same shape for all
temperatures (fλ ∝ λ−4 or fν ∝ ν2), and hence the ratio of fluxes at two wave-
lengths or frequencies will be the same, irrespective of temperature. In such a case
we can only deduce that all our measurements are on the Rayleigh-Jeans side of a
Planck spectrum, and we can set a lower limit on the temperature of the spectrum
(see Problem 2).
Another kind of temperature can be associated with the photosphere of a star, by

examining the absorption features at discrete wavelengths in the stellar spectrum.
These absorptions are induced by atoms and molecules in the cooler, less dense, gas
above the surface of last scattering. Photons with energies equal to those of individ-
ual quantum energy transitions of those atoms and molecules will be preferentially

Example:  What does it mean to be red?
We measure a larger ratio of red to blue photons for “red” 
than we do for “white”. 
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Gustave Kirchhoff and Robert Bunsen 
developed the idea that every element 
produces its own pattern of spectral lines 
an can thus be identified by a unique 
spectral line “fingerprint”.

Kirchhoff’s Laws:

1. A hot, dense gas or hot solid object produces a continuous 
spectrum with no dark spectral lines.

2. A hot, diffuse gas produces bright spectral lines (emission 
lines).

3. A cold, diffuse gas in front of a source of continuous spectrum 
produces dark spectral lines (absorption lines) in the 
continuous spectrum.
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- Electrons “orbit” around the nucleus only at 
fixed energy levels.  Thus, the emission and 
absorption spectrum of any atom consists of 
a discrete set of lines.

- The energy levels in the hydrogen atom are 
given by:  
 

- The energy difference between levels is 
given by:  
 

- The wavelength of a photon emitted or 
absorbed in a radiative transition is given by:

Review:  Atomic Structure

  

Atomic Spectra
● Electrons orbit around the nucleus only at fixed energy 

levels.  Thus, the emission and absorption spectrum of 
any atom consists of a discrete set of lines.

● Energy levels in hydrogen:

● Energy difference between levels = photon energy:

● Series of lines are named by m:
      Lyman m = 1, Balmer m = 2, Paschen m = 3, …

● Balmer lines are in optical, so get special names:
      Hα = 3↔2 = 6563 Å
      Hβ = 4↔2 = 4861 Å
      Hγ = 5↔2 = 4340 Å
      Balmer contiuum =  ∞↔2  < 3646 Å

En=−13.6 eV
1

n
2

En,m=13.6 eV ( 1

n
2
−

1

m
2 )
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absorbed, and therefore depleted, from the light emerging from the photosphere of
the star in the direction of a distant observer. The same atom or molecule, which
will be excited to a higher energy level by absorbing a photon, can eventually de-
cay radiatively and re-emit a photon of the same energy. However, the re-emitted
photon will have a random direction, which will generally be different from the
original direction toward the observer. Furthermore, the atom can undergo colli-
sional de-excitation, in which it transfers its excitation energy to the other particles
in the gas.
The wavelengths and strengths of the main absorption features, or absorption

lines as they are often called, are primarily dependent on the level of ionization and
excitation of the gas. The form of the absorption spectrum therefore reflects mainly
the temperature of the photosphere, and only slightly the photosphere’s chemical
composition, which is actually similar in most stars.
It is of particular relevance to recall the quantum structure of the hydrogen atom.

Hydrogen is the simplest atom, and it is therefore useful for understanding how
stellar absorption spectra are produced. Furthermore, most stars are composed pri-
marily of hydrogen; 92% of the atoms, or 75% of the mass, is hydrogen. Almost
all of the rest is helium, and the heavier elements contribute only trace amounts. In
fact, this elemental makeup is typical of almost all astronomical objects and envi-
ronments, other than rocky planets like the Earth and some special types of stars.
The heavier elements, despite their low abundances in stars, still play important
physical and observational roles, as we will see later on.
The nth energy level of the hydrogen atom (n = 1 is the ground state) is given

by the Bohr formula,

En = −e4me

2h̄2

1
n2

= −13.6 eV
1
n2

, (2.25)

where e is the electron charge in cgs units (e.s.u.),me is the electron mass, and h̄ is
Planck’s constant divided by 2π. As one goes to higher n, the energy levels become
more and more crowded (see Fig. 2.5). When n → ∞, 13.6 eV above the ground
state, we reach the “continuum” where En = 0 and the electron is free, i.e., the
atom is ionized. Thus, absorption of an energy quantum of 13.6 eV, or more, can
ionize a hydrogen atom that is in its ground state. The energy difference between
two levels is

En
1

,n
2

= 13.6 eV
µ

1
n2

1

− 1
n2

2

∂
. (2.26)

The wavelength of a photon emitted or absorbed in a radiative transition between
two levels will be

λn
1

,n
2

=
hc

En
1

,n
2

=
911.5 Å

1/n2
1 − 1/n2

2

. (2.27)

A glass tube in the laboratory filled with atomic hydrogen at low pressure, when
excited by an electrical discharge, will radiate photons at the discrete wavelengths
corresponding to all of these electronic energy transitions. Such a photon spectrum
is often called an “emission-line spectrum”, and is distinct from the thermal (i.e.,
blackbody) spectrum emitted by dense matter.
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A glass tube in the laboratory filled with atomic hydrogen at low pressure, when
excited by an electrical discharge, will radiate photons at the discrete wavelengths
corresponding to all of these electronic energy transitions. Such a photon spectrum
is often called an “emission-line spectrum”, and is distinct from the thermal (i.e.,
blackbody) spectrum emitted by dense matter.

Notation:  I prefer nf and ni, rather than n1 and 
n2.  In your book’s notation, n2 is the final state.
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Balmer series comprises all transitions 
that end at nf = 2.  

Lyman series comprises all transitions 
that end at nf = 1.  

Paschen series comprises all transitions that 
end at nf = 3.  

Energy lost by the downward 
transition is emitted in the form 
of a photon.
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Special Names:
The Lyman and Balmer series have special names for some transitions.
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Figure 2.5 Energy levels of the hydrogen atom. Arrows indicate excitation from the ground
state (n = 1) to the first excited energy level (n = 2), and de-excitation back
to the ground state. Such excitation and de-excitation could be caused by, e.g.,
absorption by the atom of a Lyman-α photon, and subsequent spontaneous emis-
sion of a Lyman-α photon.

It is customary to group the different energy transitions of atomic hydrogen by a
name identifying the lower energy level involved in the transition, combined with a
greek letter that indicates the upper level of the transition. Thus the Lyman series
consists of all transitions to the n = 1 ground level:
Lyα: 2↔ 1, 1216 Å;
Lyβ: 3↔ 1, 1025 Å;
Lyγ: 4↔ 1, 972 Å;
etc.,
up until the “Lyman continuum”,
Lycon: ∞↔ 1, < 911.5 Å.
Similarly, the Balmer series includes all transitions between the n = 2 state

and higher states:
Hα: 3↔ 2, 6563 Å
Hβ: 4↔ 2, 4861 Å
Hγ: 5↔ 2, 4340 Å
etc.,
up until the “Balmer continuum”,
Bacon: ∞↔ 2, < 3646 Å.
In the same way, the Paschen series, Brackett series, and Pfund series designate

transitions where n = 3, n = 4, and n = 5, respectively, are the lower levels.

Lyman continuum = ∞ ⟷ 1, <911.5 Å
…
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…

Photon wavelengths 
are in UV region. 

Photon wavelengths 
are in optical region. 
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Classification of Stars

- Stars are classified according to 
their surface (color) 
temperature.

- Spectral types are OBAFGKM 
with a digit 0 - 9 in order from 
hottest (O1) to coldest (M9).

- A Roman numeral is added to 
the classification to indicate size:  
I = giant and V = dwarf.

basicastro4 October 26, 2006

12 CHAPTER 2

Figure 2.1 Flux per wavelength interval emitted by different types of stars, at their “sur-
faces”, compared to blackbody curves of various temperatures. Each black-
body’s temperature is chosen to match the total power (integrated over all wave-
lengths) under the the corresponding stellar spectrum. The wavelength range
shown is from the ultraviolet (1000 Å= 0.1 µm), through the optical range
(3200-10,000 Å), and to the mid-infrared (10

5 Å= 10 µm). Data credit: R.
Kurucz.

(since the solid angle of a full sphere is 4π steradians). The intensity of blackbody
radiation is therefore

Iν =
c

4π
uν =

2hν3

c2

1
ehν/kT − 1

≡ Bν . (2.4)

In cgs, one can see the units now are erg s−1 cm−2 Hz−1 steradian−1. We have kept
the product of units, s−1 Hz−1, even though they formally cancel out, to recall their
different physical origins: one is the time interval over which we are measuring
the amount of energy that flows through a unit area; and the other is the photon
frequency interval over which we bin the spectral distribution. Iν of a blackbody is
often designated “Bν”.
Now, let us find the net flow of energy that emerges from a unit area (small

enough so that it can be presumed to be flat) on the outer surface of a blackbody
(see Fig. 2.2). This is obtained by integrating Iν over solid angle on the half sphere
facing outwards, with each Iν weighted by the cosine of the angle between the
intensity and the perpendicular to the area. This flux, which is generally what one
actually observes from stars and other astronomical sources, is thus

fν =
Z π/2

θ=0

Iν cos θdΩ = Iν2π
1
2

= πIν =
c

4
uν =

2πhν3

c2

1
ehν/kT − 1

. (2.5)
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Figure 2.6 Zoom-in on the optical wavelength region of the stellar spectra shown in Fig. 2.1.
The curves are labeled with their spectral types, in addition to the correspond-
ing blackbody temperatures, which constitute the “effective temperatures” of the
stars. Note the various labeled absorption features which appear and disappear
as one goes from one spectral type to another. Data credit: R. Kurucz.

The photon wavelengths of the Lyman series are in the ultraviolet (UV) region of
the electromagnetic spectrum, and the Paschen, and higher, series occur at infrared
(IR), and longer, wavelengths. The Balmer series is of particular interest to us here,
as it occurs in the optical region of the spectrum, where Earth’s atmosphere has a
transmission window. The atmosphere is almost completely opaque to photons of
wavelengths shorter than≈ 3100 Å, from ultraviolet through X-rays and γ-rays. At
the infrared wavelengths longer than 10,000 Å (1µm), there are only a few trans-
mission “troughs”, until one gets to millimeter (called “microwave”) wavelengths
and longer, where the atmosphere is again transparent to radio-frequency electro-
magnetic radiation.
Early in the 20th century, before stellar physics was understood, stars were clas-

sified into a series of “spectral types” according to the types and strengths of the
absorption lines appearing in their optical spectra. Figure 2.6 shows examples cov-
ering the range of spectral properties of most stars. Let us begin with “A-type”
stars, the third from the top in the sequence shown (the meanings of the “5” and
of the “V” after the “A” will be explained below, and at the end of this chapter,
respectively). Absorption in the hydrogen Balmer series is the most conspicuous
feature in A-star spectra, starting with Hα at 6563 Å, proceeding up the series to
shorter wavelengths, and to the sharp drop at the wavelength of the Balmer con-
tinuum at 3646 Å. Moving up in the figure to “B-type” stars, the hydrogen lines

Atomic spectral lines produced in the photosphere also depend on 
temperature and provide another means of classification.
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The End (for today)!

http://xkcd.com/1248/
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